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ABSTRACT

We present multiple epochs of Ha spectroscopy for 47 members of the open cluster NGC 3766 to investigate the
long-term variability of its Be stars. Sixteen of the stars in this sample are Be stars, including one new discovery. Of
these, we observe an unprecedented 11 Be stars that undergo disk appearances and/or near disappearances in our Ho
spectra, making this the most variable population of Be stars known to date. NGC 3766 is therefore an excellent location
to study the formation mechanism of Be star disks. From blue optical spectra of 38 cluster members and existing
Stromgren photometry of the cluster, we also measure rotational velocities, effective temperatures, and polar surface
gravities to investigate the physical and evolutionary factors that may contribute to the Be phenomenon. Our analysis
also provides improvements to the reddening and distance of NGC 3766, and we find E(B — V') = 0.22 4+ 0.03 and
(V —My), = 11.6 £ 0.2, respectively. The Be stars are not associated with a particular stage of main-sequence
evolution, but they are a population of rapidly rotating stars with a velocity distribution generally consistent with
rotation at 70%—80% of the critical velocity, although systematic effects probably underestimate the true rotational
velocities, so that the rotation is much closer to critical. Our measurements of the changing disk sizes are consistent

with the idea that transitory, nonradial pulsations contribute to the formation of these highly variable disks.

Subject headings: open clusters and associations: individual (NGC 3766) — stars: emission-line, Be

1. INTRODUCTION

NGC 3766 is a rich, young open cluster in the Carina spiral
arm that is well known for its high content of Be stars (Slettebak
1985), and many previous studies of this cluster have focused on
the characteristics of these stars to identify their evolutionary
status. The cluster has been the target of numerous photometric
studies (Ahmed 1962; Yilmaz 1976; Shobbrook 1985, 1987,
Moitinho et al. 1997; Piatti et al. 1998; Tadross 2001; McSwain
& Gies 2005b). But despite these intensive investigations, the
cluster’s age and distance remain somewhat uncertain; measure-
ments of its age range from 14.5 to 25 Myr (WEBDA ;> Moitinho
et al. 1997; Tadross 2001), and its distance is between 1.5 and
2.2 kpc. The reddening E(B — V') is between 0.16 and 0.22 (see
the discussion of Moitinho et al. 1997).

Spectroscopic investigations of NGC 3766 have targeted a
limited sample of cluster members, focusing primarily on the
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Be star and supergiant populations (Harris 1976; Mermilliod 1982,
and references therein; Slettebak 1985; Levesque et al. 2005).
Even the eclipsing double-lined spectroscopic binary BF Centauri
(=HD 100915), a member of NGC 3766, has been largely ne-
glected by modern spectroscopic observations (Clausen et al. 2007
and references therein). For most cluster members, no detailed in-
formation about their physical characteristics such as temperature,
gravity, rotation, and metallicity are known.

In this work we present red and blue optical spectra for both
normal B-type and Be stars in the cluster. Like many prior studies of
NGC 3766, our primary goal is to investigate the Be star popula-
tion; but unlike other works, we achieve a more complete under-
standing of this subset of B stars by comparing these emission-line
objects to their nonemission counterparts. Therefore, we present
measurements of the effective temperature, T, surface gravity,
log g, and in most cases the projected rotational velocity, V' sin i, for
26 normal B stars and 16 Be stars in NGC 3766. We use these
results to improve the known reddening and distance to the cluster.
From multiple epochs of Ha spectroscopy, we also investigate the
variability of the circumstellar disks and estimate the disk mass-
loss/gain rates for 11 Be stars. Finally, we use the observed disk
masses and angular momenta to show that nonradial pulsations
are a possible origin of the disks, which probably fill during
short-lived bursts of mass flow from the stellar surface.

2. OBSERVATIONS

We obtained spectra of NGC 3766 during multiple observ-
ing runs in 2003 March, 2005 February, 2006 May, and 2007
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Range Resolving Power ~ Number of Slit Plate
UT Dates A) (AIA2) Spectra Telescope and Spectrograph (pm) Grating Filter Detector
2003 Mar 21-22........... 5490-6790 1800 20 CTIO 1.5 m + Cassegrain . 471 GG495  Loral 1K x 1K
2005 Feb 2.....covueuneeee 4100-6900 1900 47 CTIO Blanco 4 m + Hydra 200 KPGL3/1 ... SITe 4K x 2K
2006 May 13................. 3790—-4708 3170 38 CTIO Blanco 4 m + Hydra KPGLD/2 BG39 SITe 4K x 2K
2006 May 14-15. 5125-8000 1560 47 CTIO Blanco 4 m + Hydra ... KPGL3/1 SITe 4K x 2K
2007 May 4-5.............. 5125-8000 2000 45 CTIO Blanco 4 m + Hydra 200 KPGL3/1 . SITe 4K x 2K
2007 Jan 20..........cocueee. 5650-6790 1700 10 CTIO 1.5 m + Cassegrain 47/1 GG495  Loral 1K x 1K
2007 Jan 29.........ccoen... 5650—-6790 1700 2 CTIO 1.5 m + Cassegrain 47/1 GG495  Loral 1K x 1K
2007 Feb 2....ccccvnunuenne 5650—-6790 1700 8 CTIO 1.5 m + Cassegrain 47/1 GG495  Loral 1K x 1K
2007 Apr 26......cceuuee. 5650-6790 1700 5 CTIO 1.5 m + Cassegrain 47/1 GG495  Loral 1K x 1K
2007 Jun 9 ... 5650-6790 1700 1 CTIO 1.5 m + Cassegrain 47/1 GG495  Loral 1K x 1K
2007 Jun 30 ...coevvennnee. 5650—6790 1700 9 CTIO 1.5 m + Cassegrain . 47/1 GG495  Loral 1K x 1K
2007 Jul 3 .o 5650—-6790 1700 2 CTIO 1.5 m + Cassegrain .. 471 GG495  Loral 1K x 1K
2007 Jul 27-28 ............ 5650—-6790 1700 7 CTIO 1.5 m + Cassegrain . 47/1 GG495  Loral 1K x 1K

January—July using the CTIO Blanco 4 m telescope with the
Hydra multifiber spectrograph and the CTIO 1.5 m telescope
with the Cassegrain spectrograph, operated by the SMARTS Con-
sortium. The details of all runs are summarized in Table 1. Most
of the runs targeted the Ho emission-line profile with low spectral
resolution to characterize the Be stars’ emission; however, during
one run we observed the blue optical region with higher resolving
power to observe numerous other H Balmer and He 1 line profiles
and measure the physical parameters of the cluster members.

We selected the targets for each run by giving highest priority
to the known Be stars in this cluster (save WEBDA star 232,
which was saturated in our photometric study). We then selected
other B-type stars in the cluster by ranking them according to
their y — Ha color to preferentially select any weak emission stars
that were not detected in our photometry (McSwain & Gies
2005a, 2005b). All observations were performed by M. V. M.
except the 2007 CTIO 1.5 m runs, which were taken in service
mode by a SMARTS observer. For the Hydra observations, we
generally began by taking short exposures and then parking the
fibers used for the brightest stars to avoid saturation in the longer
exposures. Not all of the known Be stars could be observed in
one fiber configuration, so we took three to four exposures each
of two configurations to observe all of the targets. Therefore, up
to eight exposures of each star were obtained with the Hydra runs.
We also observed a HeNeAr comparison lamp source just before
and after the set of cluster observations for wavelength calibra-
tions. For the CTIO 1.5 m observations, we alternated each stellar
observation with a Ne comparison lamp spectrum.

The CTIO 1.5 m spectra were reduced and rectified to a unit
continuum using standard routines for slit spectra in IRAF.® All
of the Hydra spectra were zero-corrected using standard routines
in IRAF, and they were flat-fielded, wavelength-calibrated, and
sky-subtracted in IRAF using the dohydra routine. In compar-
ing the slit spectra and fiber spectra for many of the same objects
in our data set, we find no evidence of systematic differences in
the background subtraction due to cluster nebulosity. For each
Hydra spectral configuration, we transformed the observations to
a common heliocentric wavelength grid and co-added them to
achieve a good signal-to-noise ratio for each star.

The complete sample of stars presented in this work is listed
in Table 2. Column (1) gives each star’s identification number
based on the assigned number in McSwain & Gies (2005b); the

¢ IRAF is distributed by the National Optical Astronomy Observatory, which
is operated by AURA, Inc., under cooperative agreement with the NSF.

corresponding WEBDA numbers are given in column (2), where
available. We obtained Ha spectra for each of these stars during
at least three epochs in most cases, and these are shown in Fig-
ures la—lc.

3. PHYSICAL PARAMETERS
FROM SPECTRAL MODELS

3.1. V sini Measurements

We began our investigation of each star’s physical parameters
by generating a grid of synthetic, plane-parallel, local thermody-
namic equilibrium (LTE) atmospheric models using the Kurucz
ATLASO9 code (Kurucz1994). We adopted solar abundances and
a microturbulent velocity of 2 km s~! for these stars, which cor-
responds to the mean microturbulence observed among late-type,
main-sequence (MS) B stars (Lyubimkov et al. 2004). Each at-
mospheric model was then used to calculate a grid of model
spectra using SYNSPEC (Lanz & Hubeny 2003).

For the 38 stars with available blue spectra, we made a pre-
liminary estimate of their effective temperature and gravity, T
and log g, respectively, by comparing the observed Hy, HS, He 1
/4143, and He 1 14471+Mg 11 44481 line profiles to our grid of
Kurucz spectral models. To measure V sin i, we compared the
observed He 1 line profiles to the model profiles convolved with a
limb-darkened, rotational broadening function and a Gaussian
instrumental broadening function. We determined the best fit
over a grid of values, spaced 2 km s~ ! apart, minimizing the mean
square of the deviations, rms2. The formal error, AV sin i, is the
offset from the best-fit value that increases the rms? by 2.7rms?/N,
where N is the number of wavelength points within the fit region.
Our measured V sini and AV sin i are listed in columns (3)—(4)
of Table 3.

Even the He 1 lines may contain some weak emission in Be stars,
partially filling and narrowing their line profiles. Furthermore, a
number of the Be stars show evidence of narrow “shell” line
components (formed in the outer disk), and the presence of a
shell component may make the profile appear too narrow in some
cases. Therefore, we consider our V sin i measurements for the
Be stars to be lower limits. However, we note that the He 1 lines
do not exhibit obvious signs of emission among most of the Be
stars, and these lines are much less susceptible to emission than
the H~y or H¢ lines. For the case of star 154, a shell star with strong
emission and contamination present in the He 1 lines, we used the
Mg 11 /4481 line to measure V sin i.

There are few previous measurements in the literature of
V' sin i for members of NGC 3766, but we found that 10 stars in
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TABLE 2

Ha EQuivALENT WIDTHS

W (A) W, (A) W (A) W, (A) W; (A) W; (A) W; (A) W; (A)
WEBDA ID (2003 Mar) (2005 Feb) ~ (2006 May) (2007 Jan/Feb) (2007 Apr) (2007 May) (2007 June) (2007 July)
) @ (€) “) ®) ©) @) ® ®
. 3.24 4.07 3.93
169 4.28 4.26 3.84
9.22 9.37 7.59
291 3.62 3.18 5.30 —1.63, —1.06 0.42 1.04 1.42
146 5.14 5.38 5.69 4.74
151 2.91 3.99 0.57 —3.34, —5.94 —6.64 —6.80
13 8.46 8.56 6.93
130 4.88 5.28 4.41
178 o 6.07 6.02 5.22
8 4.69 4.98 5.10 435
15 —14.99 -11.33 -11.29 -8.11 —6.81 —5.61 —4.68
137 4.87 4.37 4.89 4.25
125 5.18 5.61 4.84
. 5.03 5.12 4.59
24 5.67 5.86 4.72 .
20 4.09 3.54 3.66 . 3.56 4.41 1.20
2.89 3.19 2.81
4 7.19 8.27 8.65 7.14 . 7.08 . 7.25
26 3.65 0.42 3.28 1.27 . -0.35 . -0.92
195 4.85 4.61 5.72 . . 4.73
27 0.53 4.07 0.84 2.92 3.72 2.93 .
1 2.06 231 2.73 3.32 . 341 2.66
194 5.94 5.91 4.94
45 6.39 6.87 6.26
36 4.99 3.10 0.21 4.43 4.36 4.14 . 5.05
34 7.40 7.44 .
7.40 7.03 5.73
81 4.76 —5.48 -3.19 —6.53 . —8.67 -12.83
7.46 8.49 6.86
53 -7.21 —4.95 —4.00 —4.19 . —5.47 —5.60 —12.81
. 8.66 7.94 6.84 .
67 . 2.00 5.04 4.23 . 4.44 4.38
63 4.40 -1.15 —9.14 —11.62 -12.72 —12.40
204 8.48 5.46 424 451 4.50 4.42 5.54 .
88 —33.46 —40.07 —33.56 —34.37 -33.95 -36.16
. 7.92 7.90 6.38
70 3.92 4.19 3.61
. 9.15 9.23 7.45
94 4.81 5.26 4.17
233 7.79 7.92 6.62
218 6.67 6.74 6.01
213 6.32 7.71 6.35
260 6.81 6.86
239 4.52 432 439 . . 1.46 . .
253 o 7.65 8.85 7.04 . 7.09 . 7.66
264 —39.49 —43.40 —53.71 —52.77 . —53.44 —54.69
240 —8.84 —6.66 —4.62 —4.88 . -5.19 —5.76

our sample were also measured by Slettebak (1985). Our V sin i
measurements generally agree well, with the exception of star
154. Slettebak found ¥ sini = 220 km s~! for that star, nearly
double our measured value. We emphasize that the exceptionally
strong He and metal lines of this shell star amplify the difficulty of
measuring its V' sin i.

3.2. Te and log g Measurements of B stars

For the B stars with Ty < 15,000 K, we used the “virtual-star”
method of Huang & Gies (2006) to improve our ¢ and log g
measurements. ( Their virtual star is a spherically symmetric star
with constant Tt and log g across the stellar surface.) They gen-
erated detailed Hvy line profiles using line-blanketed, LTE Kurucz

ATLAS9 and SYNSPEC codes. Huang & Gies show that the Hvy
line strength and equivalent width can be used as starting pa-
rameters in a line profile fit to obtain unique values of T, log g,
and their corresponding errors. We used their procedure to mea-
sure these quantities from our observed H~ line profiles.
Among the hotter B-type stars, non-LTE effects alter the equiv-
alent width of the H+ line, and thus the LTE Kurucz model line
profiles systematically underestimate 7. Therefore, we used the
new TLUSTY BSTAR2006 grid of metal line-blanketed, non-LTE,
plane-parallel, hydrostatic model spectra (Lanz & Hubeny 2007)
to measure 7 and log g for those stars with Tegr > 15,000 K. We
used their models with solar metallicity and helium abundance and a
microturbulent velocity of 2 km s—1. The grid includes T,g from
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15,000 to 30,000 K in increments of 1000 K and log g from 1.75 to
4.75 in increments of 0.25 dex. For these hot stars we measured 7.¢
and log g by comparing the H~ line profile to the rotationally and
instrumentally broadened model spectral line profiles at each value
in the grid, minimizing rms?® across the line region. We then refined
our measurements to a higher precision using a linear interpolation
between the available line profiles in the grid. Finally, we determined
the errors, AT, and A log g, from the values that produce an rms?
no more than 2.7rms?/N greater than the minimum rms2. Our mea-
surements of Tt and log g, with their corresponding errors, are
listed in columns (5)—(8) of Table 3.

Many of the B stars in our sample are rapidly rotating, with
V'sini > 200 km s~'. Such a rapidly rotating star will experi-
ence strong centrifugal forces that distort the star into an oblate
spheroidal shape, as recently found for the star Regulus
(McAlister et al. 2005). The surface gravity at the equator can
therefore be much lower than at the poles. For such a rapid ro-
tator, our measured 7+ and log g represent the average across the
visible stellar hemisphere and are therefore biased toward lower
values, causing the star to appear more evolved. Because the
polar regions are not distorted, the surface gravity at the poles is a
better indicator of the evolutionary state of the star. Huang &
Gies (2006) performed detailed spectroscopic modeling of such
distorted rotating stars to determine a statistical correction factor
for log g, averaged over all possible values of i, for a variety of
stellar models. We made a bilinear interpolation between their
models to convert our measured log g to 10g g,,,,, for a more ac-
curate comparison between slow and rapid rotators.

For each B star, we also measured its mass, M, , and radius, R,,
by interpolating between the evolutionary tracks for nonrotating
stars from Schaller et al. (1992). The errors A M, and AR, corre-
spond to our measured AT and A log g. Our results for 10g gy »
M,, AM,,R,,and AR, are also listed in Table 3, columns (9)—(13).

3.3. Te and log g Measurements of Be Stars

Star 196 did not show any sign of Be emission until our most
recent observations; hence, we included it among the normal B

stars and measured T and log g from the H~ line in its 2006
blue spectrum. For other Be stars in our blue spectra, the above
method to measure 7T and log g was not useful because the
equivalent width of the H~ line may be decreased by emission in
the line, even if the line profile does not exhibit obvious signs of
emission.

Our first attempt to measure the Be stars’ 7o and log g values
relied on the He 1 114143, 4388, 4471 lines. We fit these three
lines using TLUSTY model spectra, following the same proce-
dure described above for the Hvy line. However, these He 1 line
strengths are less sensitive to 7., and the line wings show only a
very small dependence on log g. Therefore, these line fits re-
sulted in very large errors for both parameters in many cases.
Furthermore, the Be disks contribute continuum flux that dilutes
the apparent strength of the He 1 lines, so log g values measured
from these lines do not always agree well.

To improve our Ty measurements for the Be stars, we turned
to available Strémgren m;, c¢;, and 3 indices for our targets
(Shobbrook 1985, 1987, WEBDA). Several temperature relations
for Stromgren indices are available in the literature (see Napi-
wotzki et al. 1993 and references therein), so we began by using
our normal B-type stars with T.x > 15,000 K as calibrators to
determine the best relation for our data. We adopted the reddening
value of E(b — y) = 0.15 [corresponding to E(B — V') = 0.2] for
NGC 3766 (Shobbrook 1985; Moitinho et al. 1997). Eight stars in
our sample (16, 42,49, 54, 57, 161, 170, and 196) have available
Stromgren indices as well as T.x measured from our Hy line fits,
and Napiwotzki et al. provide eight calibrators with well-known
Tegr > 15,000 K (measured from their absolute integrated stellar
flux) and available Strdmgren data. For these 16 B stars, we found
the best overall agreement using the temperature relation from
Balona (1984) shown in Figure 2. However, we found that Tg,jon,
systematically underestimated Tes, and a correction factor was
necessary to improve their agreement. We performed a linear fit to
the data and found the relationship

Temr it = 1.052TBa10na — 359.636 K (1)
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TABLE 3
PuysicaL PARAMETERS OF CLUSTER MEMBERS

Vsin i AVsin i T AT M, AM, R, AR, Vit
MG ID (kms™h)  (kms)  (K)  (K)  logg  Algg  loggew (M) (M) (R (R  (kms)
) @ 3 “ &  © @) ®) © ) a1 (13)
B Stars
307 5 17,071 450 3.10 0.05 3.57 7.0 0.3 7.2 0.6 352
144 7 19,420 300 3.48 0.02 3.62 8.6 0.2 7.5 0.5 380
287 6 16,033 200 3.83 0.02 4.10 4.9 0.1 33 0.8 436
283 22 11,931 145 4.02 0.05 4.27 3.0 0.0 2.1 0.1 424
84 7 17,900 300 3.78 0.03 3.84 6.6 0.1 5.1 0.8 406
239 5 16,100 100 3.90 0.02 4.11 4.9 0.0 32 0.8 438
252 9 17,400 100 3.75 0.02 3.99 6.0 0.1 4.1 0.9 431
192 9 17,340 250 3.82 0.02 3.99 5.9 0.1 4.1 0.9 430
121 6 18,000 200 3.78 0.03 3.88 6.6 0.1 4.9 0.8 413
238 8 16,760 250 3.98 0.03 4.17 5.1 0.2 3.1 1.0 459
331 8 18,383 350 3.23 0.02 3.71 7.7 0.3 6.4 0.6 390
338 10 16,000 200 3.80 0.05 4.15 4.8 0.1 3.1 0.9 445
177 5 15,650 150 3.78 0.03 3.94 5.0 0.1 4.0 0.5 401
121 5 13,937 171 431 0.04 4.37 3.6 0.1 2.0 0.3 472
309 14 12,753 192 3.84 0.05 4.14 3.5 0.1 2.6 0.4 409
242 9 13,353 191 3.89 0.05 4.11 3.7 0.1 2.8 0.5 409
83 9 12,399 318 3.79 0.09 3.87 3.8 0.1 3.7 0.4 358
97 27 12,034 203 3.77 0.06 3.87 3.7 0.1 3.7 0.3 355
231 11 12,694 153 4.05 0.04 4.22 33 0.1 2.3 0.5 425
73 7 18,400 250 343 0.02 3.49 8.3 0.2 8.5 0.4 351
194 11 11,513 148 3.99 0.05 4.12 3.0 0.1 2.5 0.2 390
65 6 18,060 250 3.78 0.03 3.82 6.8 0.1 53 0.7 403
171 7 14,210 192 4.21 0.04 4.30 3.8 0.1 2.3 0.1 459
252 13 13,823 193 4.01 0.05 421 3.8 0.1 2.5 0.6 435
160 12 12,504 141 3.92 0.04 4.05 3.5 0.1 2.9 0.3 390
198 15 12,402 182 4.15 0.06 4.25 3.2 0.1 2.2 0.5 427
Be Stars
261 6 18,995 301 4.02 0.09 4.02 6.6 0.1 4.1 0.9 450
197 5 17,834 400 3.82 0.10 3.99 6.2 0.2 42 1.0 435
190 5 18,399 301 3.30 0.09 3.30 9.3 0.1 11.3 2.3 323
296 5 18,274 301 349 0.09 3.49 8.2 0.1 8.5 1.8 349
. . 18,817 301 3.31 0.09 3.31 9.9 0.1 11.5 2.4 329
214 17 18,725 301 3.34 0.09 3.34 9.5 0.1 10.8 2.3 332
16,890 301 3.84 0.10 3.84 6.2 0.1 4.9 1.0 398
. .. 17,792 301 3.75 0.09 3.75 6.8 0.1 5.8 1.2 387
347 5 17,687 550 3.61 0.12 4.01 6.1 0.3 4.0 1.0 437
285 7 17,519 301 3.69 0.09 3.69 6.9 0.1 6.2 1.3 375
. . 18,564 301 3.53 0.09 3.53 8.3 0.1 8.1 1.7 358
343 12 15,945 301 3.95 0.10 3.95 52 0.1 4.0 0.8 406
112 29 13,254 1254 3.29 0.18 3.29 5.6 0.3 8.8 1.8 282
165 5 19,660 250 3.73 0.02 3.87 7.6 0.2 53 1.1 426
251 6 19,580 301 4.00 0.09 4.00 7.0 0.1 44 0.9 449
236 12 16,301 301 3.51 0.10 3.51 6.8 0.1 7.5 1.6 337

? T and log g measured from H~ line fit.

Parameters are unreliable since the star is a suspected SB2.
¢ T and log g measured from Strémgren photometry.
4 Top and log g measured from He 1 line fits.

(excluding one outlying point from Napiwotzki et al. 1993). The
slope of this correction is virtually identical to the values found
by both Gies & Lambert (1992) and Cunha & Lambert (1994).
After applying this correction, we found a mean scatter of 264 K
from our two independent measurements of Teg for the B stars in
NGC 3766.

TRalona relies on the dereddened ¢ index as well as the nar-
rowband ( magnitude, so determining an accurate temperature
for the Be stars also requires confidence in 3. However, the Be
stars’ emission makes the 3 magnitude highly unreliable. There-

fore, we used the B star calibrators from our sample (listed above)
to investigate several co-0 relations in the literature (Crawford
1978; Balona & Shobbrook 1984). The c¢y-3 diagram is essentially
a Hertzsprung-Russell (H-R) diagram that reveals temperature
and evolutionary trends in a population. In Figure 3 we show that
the values of ¢y and (3 for these B-type calibrators generally
agree with the relations for luminosity class III and V stars from
Balona & Shobbrook (1984). However, the calibration stars have
3.43 <log g < 3.98 (3.49 < log gyoar < 4.17), since these hot
stars are evolving along the MS, and neither ¢y-/3 relation can be
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FiG. 2.— Ty measured for the B-type temperature calibration stars from this
work (diamonds) and from Napiwotzki et al. (1993; triangles) compared to their
calculated Tgal0na (Balona 1984). A linear fit to the two temperature scales (solid
line) and the 1:1 agreement (dotted line) are also shown.

applied to the entire population. Therefore, we performed a
linear fit to account for the range in evolution, and we found the
relationship

B = 0.417cy + 2.545 (2)

among the B stars in NGC 3766 with T > 15,000 K. The mean
scatter between (g and the measured (3 is 0.010, which implies
an additional error of 144 K in T, using the corrected Tgaiona
relation above.

Shobbrook (1985, 1987) presented Stromgren photometry
for nine Be stars that have accompanying blue spectra in this
work (excluding 196, which we used as a calibrator) and four
Be stars with only red spectra in this work. Thus, we measured
T for all 13 of these Be stars using the adopted g and the
corrected Tgalona, as described above. We adopt a total error of
(264% + 144%)°> = 301 K for Ty measured with this method,
and the results are listed in columns (5)—(6) of Table 3.
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Fic. 3.—Strémgren ¢ index plotted against the 8 magnitude for the B-type
temperature calibration stars from this work (diamonds). Be stars are also plotted
( filled diamonds) to illustrate the contamination in 3 due to their disk emission.
We also show the ¢o-0 relations for luminosity class V and III stars (Balona &
Shobbrook 1984; dotted lines) and our linear fit to this evolving population (so/id
line).
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Fig. 4— Contour plot of the 1, 2, and 3 ¢ errors in the He 1 14388 line fit for
star 31. We adopted the center of the 1 o error region as the best-fit value, and the
extent of this region indicates the sizes of the error bars for Tt and log g.

Using this technique, only the “shell” Be star 154 results in
Tegr < 15,000 K. The comparisons between Tg,jon, and our inde-
pendently measured 7eg are less reliable below this temperature
threshold; hence, we used only B star calibrators with Teg >
15,000 K. However, spectroscopy is even less likely to produce
accurate measurements for 154, since its spectrum is contaminated
by He 1 emission and the metal lines are exceptionally strong due to
the disk’s edge-on orientation. Therefore, we include in Table 3
its Ter from the corrected relations of Balona (1984) but the er-
rors are somewhat higher than for the other Be stars.

The values of log g are more strongly dependent on [3, so we
were reluctant to use our (g, with the Stromgren relation for log g
given by Balona (1984). Instead, we used the calculated Teg to
determine the Be stars’ bolometric corrections (BCs), from Lanz
& Hubeny (2007) at first assuming log g = 4.0. For the cooler
star 154, we interpolated the BC from the values for MS stars given
by Cox (2000). We calculated each stellar radius, R, , and luminos-
ity, L., using the measured Ty, BC, V' magnitude (Shobbrook
1985,1987; WEBDA), distance modulus (V' — My), = 11.73 +
0.33 (Moitinho et al. 1997), and E(B — V') = 0.2 + 0.1 (Shob-
brook 1985; Moitinho et al. 1997). We measured the stellar mass,
M,, from the computed 7. and L, by interpolating between the
evolutionary tracks of Schaller et al. (1992). Finally, we obtained
a preliminary value of log g from M, and R,. Since the BC is
weakly dependent on log g, we improved the BC from the initial
estimate and iterated to compute the final log g. We adopt a
formal error in log g computed from AT, and the quoted errors
in(V — My),and E(B — V).

We note that the scatter between the calibrators’ log g1, and
their Strdmgren log g is identical to the formal error. Based on
this good agreement, we do not perform any further correction to
obtain 10g g, for the Be stars measured with this technique.
However, we show below that the Be stars are more rapidly
rotating than the normal B stars, which may make them appear
slightly more evolved and artificially brightened. Thus, these
values 0f 10g g1, are lower limits. The final parameters for these
Be stars are listed in Table 3.

Two Be stars in our sample of blue spectra have no available
Strémgren data in the literature. By coincidence, these stars (31
and 127) have two of the best Ty and log g measurements from our
preliminary He 1 line fits. Therefore, we adopt the mean measure-
ments from the He 1 4114143, 4388, 4471 lines, with a formal error
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Fic. 5.— T and log g,y are plotted with the evolutionary tracks of Schaller
etal. (1992; solid lines) and isochrones of Lejeune & Schaerer (2001; dotted lines).
The ZAMS mass of each evolutionary track is labeled along the bottom, and the age
of each isochrone is labeled along the top. Normal B-type stars are shown as open
diamonds while Be stars are filled diamonds, and each symbol size is proportional
to the star’s V' sin i.

determined from the values which produce an rms” no more than
2.7rms?/N greater than the minimum rms?. A contour plot of the
errors in Teg and log g for star 31 is shown in Figure 4, and the final
values are listed in Table 3. We determined their log g,,,,, using
the same method as the B stars.

3.4. Discussion of Physical Parameters

The resulting values of Ter and log g,,,,, are plotted in Figure 5
with the corresponding evolutionary tracks for nonrotating stars
from Schaller et al. (1992). The symbol sizes are proportional to
V sini to investigate the relation between rotation and the ap-
parent evolutionary state of each star, but no trends are observed.
Also in Figure 5, we plot the isochrones for 25—50 Myr popula-
tions from Lejeune & Schaerer (2001). Our distribution of T
and log g1, are generally consistent with a population within
this range, indicating an age slightly greater than previous esti-
mates for NGC 3766.

The masses of the rapidly rotating stars may be overestimated,
since the evolutionary tracks do not account for rotation. We min-
imize this effect by using the corrected log g, for all stars, but
slight mass differences may still be present, since rapid rotation is
expected to alter the evolution (Heger & Langer 2000; Meynet &
Maeder 2000). McAlister et al. (2005) found a small, 15%, mass
discrepancy for the rapid rotator Regulus when comparing its
mass derived from nonrotating evolutionary tracks and its true
mass from a detailed spectroscopic and interferometric analysis.

We find that the Be stars are generally among the hotter stars in
our sample, consistent with our earlier findings from a photometric
investigation of 48 open clusters that Be stars are preferentially
found among the more luminous cluster members (McSwain &
Gies 2005b). There are no systematic differences between the
10g gpoiar Of the Be star and normal B star populations of the
cluster, indicating that the Be stars in NGC 3766 are distributed
across a range of log g1, and are not associated with any par-
ticular stage of the MS evolution of B-type stars. This is also
consistent with our earlier results (McSwain & Gies 2005b) and
with Zorec et al. (2005), who performed an evolutionary study of
field Be stars. On the other hand, Levenhagen & Leister (2006)
found that field Be stars are preferentially found at later stages of
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the MS evolution. They did not perform any corrections for grav-
ity darkening among these rapid rotators, so their Be stars may be
found closer to the zero-age main sequence (ZAMS) than their
results suggest.

4. ROTATIONAL VELOCITIES

Be stars are often described as a population of rapidly rotating
B-type stars with a true rotational velocity Vs comparable to the
critical velocity V. (Note that V;o should not be confused with
V' in our measured ¥ sin i, which may be subject to systematic
errors such as gravitational darkening or weak emission in the
He 1 lines.) However, a recent study by Cranmer (2005) has cast
some doubt on their fast rotation. He compared available V sin i
measurements in the Yudin (2001) database of Oe, Be, and Ae
stars to the predicted distribution of ¥ sin i accounting for grav-
ity darkening, limb darkening, and observational effects. He
found that the Be stars of the Yudin database have intrinsic
rotations between 40%—100% critical, with more early-type Be
stars having significantly subcritical rotation. However, the Yudin
database is a compilation of measurements from many different
authors and instrumental setups, and therefore the available V" sin i
may contain significant systematic differences. Our measurements
of V sin i rely on data of identical origin and measurements of the
same spectral lines in nearly every case. Therefore, we have greatly
reduced the systematic differences among our Be star measure-
ments, and our measurements are also a reliable comparison of
Be stars relative to normal B stars.

A rotationally distorted star has an equatorial radius R, = 1.5R,
in the Roche approximation; here R), is the star’s polar radius. For
simplicity, we assume R, is equal to the radius R, derived from the
position in Figure 5 and given in Table 3. The resulting critical
velocity is

GM,
R,

Vcrit = (3)
and is included in Table 3. A small mass discrepancy, as found
for Regulus (McAlister et al. 2005), will not affect V,;; signifi-
cantly, since a 15% error in mass produces only a 4% error in
Vit~ Here we investigate the rotational properties of several
edge-on Be stars in our sample and compare the distribution of
Be star velocities with the normal B stars to compare the two
populations.

Two Be stars in our sample, 92 and 139, show Ha emission
only in the line wings, with a deep absorption profile, suggesting
the disks are observed nearly edge-on. This is probably a good
assumption for star 139, since it has V/V; > 0.7. However, star
92 may not be edge-on, since its Ha profiles between 1985 and
1990 (Balona et al. 1991) do not resemble the profiles we ob-
serve. Either the disk is precessing or other structural changes
have occurred. A third star, 154, exhibits a shell spectrum with
strong metal lines that also suggests an edge-on orientation.

If we assume that all of the Be stars have V/V; = 0.95, then
our measured V sin i indicate that stars 92, 139, and 154 have
i =34°,48° and 15°, respectively. Assuming a slower V/V i =
0.70 increases the derived values to i = 49°, 90°, and 20°, re-
spectively, but the low i values for stars 92 and 154 are still
inconsistent with the observed line profiles. However, if we fix
i = 80° for all three stars, we find that V/V; = 0.53 for 92, 0.71
for 139, and 0.24 for 154. Townsend et al. (2004) show that
measured ¥ sin i may be too low due to gravitational darkening
in highly distorted, rapidly rotating stars. But even accounting
for a 20%—33% underestimate in ¥ sin i for 92 and 154, we do
not find that these two Be stars are near critical rotation.
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FiG. 6.—Cumulative distribution function of ¥ sin i for the Be stars (dashed
line) and the normal B-type stars (dotted line). Theoretical distributions of rapidly
rotating stars with random orientation and V' = 0.7V and 0.8V are also
shown (solid lines; assumes the mean value for the Be stars, Vi = 386 kms™!).

The distributions of V sin i for both the Be stars and normal B
stars are plotted in Figure 6. Although this sample of 38 stars is
small, this study is the first to measure V' sin i for both groups
using a consistent method and a uniform data set. Our measured
V sin i for the Be stars may be only lower limits, but we clearly
find that the Be stars of NGC 3766 are more rapidly rotating than
the normal B star population. In Figure 6 we also include the-
oretical distributions of two uniform, rapidly rotating popula-
tions with V' = 0.7V and 0.8 Vi, assuming Ve = 386 km s7!
(the mean value among the Be stars, excluding star 154 due to its
large measurement errors). The distribution of Be stars is con-
sistent with 0.7V < V < 0.8V in most cases. However, if
each measured V sini is underestimated by 20%—-33% due to
gravitational darkening, as claimed by Townsend et al. (2004),
the distribution of Be star velocities is consistent with Vo >
0.84 V. Stars 92 and 154 represent significant exceptions to this
rule, as discussed above.

5. OTHER RESULTS FROM SPECTRA

We do not wish to broaden the scope of this paper to discuss
the radial velocities and helium abundances observed in our spec-
tra. However, we found several instances that suggest these topics
are worth exploring in future studies of NGC 3766.

Figure la includes the variable Ha profile of star 61. The
absorption line is deep and narrow in 2005, yet wide and shallow
in 2006 and 2007. These line profile changes are not consistent
with a Be star, and they probably indicate line blending in a
double-lined spectroscopic binary (SB2). Likewise, star 197
may be an SB2. We observed double Mg 11 14481 lines in 2006,
and Figure lc shows a large wavelength shift in its Ha line
profile between 2005 and 2006. There is possible line blending
visible in the 2005 and 2007 Ha profiles.

We measured the physical parameters of the B stars using
spectral models with solar helium abundances, and most were
consistent with a solar abundance. However, we noticed a large
number that have abnormal He abundances; stars 41, 55, 94,
118, and 178 appear to be He strong, while 126, 129, 170, 173,
and 197 appear He weak. Since all cluster members are expected
to have the same He abundance, this may indicate the presence
of widespread magnetic fields in the cluster, which can produce
nonuniform distributions of He across the stellar photospheres
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(see the discussion in Huang & Gies 2006). The He weak stars
may also be binaries with cooler companions adding flux but
diluting the appearance of the He 1 lines.

Finally, we used our spectra to reinvestigate the reddening
and distance to NGC 3766. For the nonemission B stars with
10g gpotar > 3.9, we used the MS relation of Harmanec (1988) to
assign a spectral type to each star based on its measured 7. We
then used the MS relation of Wegner (1994) to find the stars’
intrinsic colors, (B — V'),. Observed B — V colors were obtained
from WEBDA. For the 17 B-type, MS stars in our sample, we
found E(B — V') = 0.223 + 0.030. We then used the B stars’ V'
magnitude (WEBDA), BC (Lanz & Hubeny 2007; Malagnini
et al. 1986), and our measured R, to compute the distance mod-
ulus, (V' — My),. The resulting (V' — My), = 11.42 + 0.15. To
determine the mean (V' — My),, we excluded star 45, with a some-
what lower (V' — My), of 10.3, and thus probably a foreground
star.

While the B stars of NGC 3766 are rotating more slowly than
the Be stars, they have a mean V sin i/V; = 0.5. Assuming a
random distribution of i, this corresponds to a mean V/V; =
0.7. Such rapidly rotating stars are probably rotationally distorted,
with surface areas ~<1.2 times larger than spherical star with
R, = Ryolar, causing them to appear overluminous. The distance
modulus is then underestimated by a factor of 2.5log1.2 =
0.21. With a realistic distribution of ¥ and i, this correction may
not be appropriate for all stars, and the range in A(V — My), is
0.02—-0.30for 0.28 < V/Vit < 0.83. We apply this correction to
find a final (V' — My), = 11.6 £ 0.2 for NGC 3766, correspond-
ing to a distance of 1.9—2.3 kpc. Our new values of £(B — V') and
(V' — My), are highly consistent with previous results for this
cluster.

6. Be STAR VARIABILITY

While the long term Ha variability of Be stars has often been
noted in the literature (e.g., Porter & Rivinius 2003), few studies
have attempted long-term monitoring of a large sample of Be
stars to quantify their variability. Hubert & Floquet (1998) inves-
tigated 273 bright Be stars with I/ < 7.5 that were observed by
Hipparcos between 1989 August and 1993 August. They found
that early-type Be stars exhibit a very high degree of variability,
while most late Be stars maintained a constant magnitude for the
duration of the Hipparcos mission. They also identified 14 Be
stars with recurrent short-lived outbursts (0.06 < AHp < 0.3
over timescales of 50—500 days) and 8 with long-lived outbursts
(AHp > 0.12 over timescales of >500 days) in the sample.
However, the Hipparcos magnitude, Hp, covers a broad wave
band, ranging from 3400 to 8500 A, and it traces large-scale
variations in the continuum from scattered light associated with
the disk. Ha spectroscopy is better suited to measuring variations
over a larger dynamic range in the disks of Be stars of all spectral
types.

Figures la—1c¢ show the Ha line profile variations of all
47 stars in our spectroscopic sample. We were intrigued to dis-
cover anew Be star (130) in NGC 3766 based on our comparison
of its Ha line profiles. In 2005 February the absorption line was
broad and shallow, with some bumps that suggest a weak emis-
sion disk, nonradial pulsations, or simply noise. By 2006 May,
however, the depth of the line had increased, while its width
remained nearly the same, although a slight asymmetry in the
line suggested that perhaps a very weak disk may still have been
present. The line remained in absorption during our most recent
2007 observations. While an inverse relation between the line
width and depth is associated with line blending in an SB2, the
observed variations in star 130 cannot be attributed to such line
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blending. Instead, the three sets of observations indicate the
presence of a weak circumstellar disk in 2005 that largely dis-
appeared by 2006.

In fact, we were startled to find that a total of 11 Be stars in our
sample exhibit significant changes in their disk state between
2003 and 2007. Stars 25, 31, 73, 83, 92, 98, 119, 130, 133, 139,
and 196 each show Ha in absorption in at least one of the four
epochs available, yet each star also experiences at least one
epoch when the Ha line is partially or fully filled with emission.
These observations suggest that the mechanism responsible for
the disk formation is unstable over timescales of only a few
years, consistent with the results of Hubert & Floquet (1998).
The disk growth of star 31 during 2007 reveals that disk forma-
tion can be very rapid, only requiring a few days or weeks, as
observed in other Be stars (e.g., Grundstrom et al. 2007). How-
ever, the high fraction of Be stars that shows significant vari-
ability in a single cluster is unprecedented, and the cluster should
be monitored with increased frequency to measure an accurate
timescale of the disk state changes.

Five additional Be stars (47, 127, 154, 198, and 200) show Ho
emission in every observation, although the emission strength is
usually variable. Such variations in Ha emission strength are
typical among Be stars.

To quantify the observed changes in the Be star disks, we mea-
sured the equivalent width, ¥, of the Ha line in each of our red
spectra by normalizing each spectrum to a unit continuum and
integrating over the line profile. Columns (3)—(6) of Table 2 give
the measured values of W, for each spectrum. The error in each
measurement is about 10% due to noise in the continuum region.

With multiple epochs of Ha observations available for so
many variable Be stars, it is worthwhile to estimate the changing
size of the circumstellar disks. Grundstrom & Gies (2006) de-
scribe a simple model to measure the ratio of the projected ef-
fective disk radius to the stellar radius, Ry;sk/R., and the density
at the base of the disk, pg, using W, and T, as input parameters.
We determined the disk inclination i by assuming that each star is
rotating with V" at 70% of V;; in most cases. We also assumed a
disk truncation radius of 100 R, the nominal value unless a close
binary companion is present. The disk temperature is assumed to
be constant at 0.6 7.

To estimate the total masses of the disks, we used an axisym-
metric, isothermal density distribution (Carciofi & Bjorkman

2006),
R\" 1 z 1?2
p(7"7 Z) = Po (7) exp{_ E |:H(I"):| }7 (4)

and a radial density exponent, n = 3, typical of other Be star
disks (Gies et al. 2007). The scale height of the disk is

, B
H() = Ho (R—) | (5)
where
a
Hy=—R,, 6
0 Vcn't ( )
kT
a=\|—, (7)
pwmpy

and 8 = 1.5 for an isothermal disk (Bjorkman & Carciofi 2005;
Carciofi & Bjorkman 2006).

The resulting disk properties are listed in Table 4 for each Be
star with an available Ty measurement. The time of each ob-
servation is listed in column (2), and the dates for the CTIO 4 m
Hydra observations are less precise since these Wy, values were
measured from co-added spectra rather than individual spectra
obtained with the CTIO 1.5 m telescope. Our determined values
for i, py, Raisk/Ryx, and My are listed in columns (4)—(7).

Certainly, these disk measurements should be viewed with
caution, since the true density profiles may be quite different
from the assumed distribution. The disk density exponent may
be different from our assumed value of n = 3, and the resulting
mass estimates may differ from our results by orders of mag-
nitude. Contemporaneous optical and infrared spectra have also
revealed evidence of density waves that alter the azimuthal disk
structure (Wisniewski et al. 2007). Finally, the disks are likely
not isothermal, as we assumed, and the true thermal structure
may be very complex (Carciofi & Bjorkman 2006). Therefore,
the processes associated with the Ha emission profile are much
more complex than assumed in the model of Grundstrom & Gies
(2006), although by using their simple model we obtain relative
estimates of the variations in disk base density that are sensible,
provided the disk density exponent is assumed constant in time.

7. DISK FORMATION BY NONRADIAL PULSATIONS

The estimates for pg and Mg;s given above are not sensitive to
i and offer a consistent method to measure changes in the size of
the disks. Thus, we can estimate the disk growth rate (or dissipa-
tion rate), AMyisc/At. Our generally sparse observations cannot
determine whether AMy;q /At is constant or highly variable over
timescales less than 1 yr; however there is an indication from the
two closely spaced observations of stars 25 and 31 that the disk
size can change rapidly. We provide our measured AMg;q/At
between each pair of observations in Table 4. The long-term
buildup rates are comparable for every Be star in our sample,
hinting that all of the disks might be formed by the same mech-
anism. Finally, the buildup and dissipation rates are also com-
parable in magnitude.

Many Be stars are known to exhibit nonradial pulsations (NRPs)
with the mode ¢ = 2, m = +2 (Rivinius et al. 2003), and such
pulsations are commonly proposed as the source of kinetic en-
ergy required to inject material into the disk (Porter & Rivinius
2003). The m = 42 pulsational mode is retrograde, and naively
it might be expected to counteract the rotational velocity of the
star and hinder disk formation. However, Townsend (2005) shows
that retrograde mixed modes behave in a way that could contribute
to Be disk formation. Although their phase velocity is retrograde,
their group velocity is prograde. The density enhancements occur
when the pulsational velocity perturbation is in the same direc-
tion as the rotation—a configuration favorable to mass ejection.
Townsend also found that the mixed mode instability strip likely
overlaps with the temperatures and spectral types of known Be
stars if their rotation is nearly critical.

Observations of known /3 Cephei pulsators and slowly pulsating
B stars indicate that their pulsation modes have velocity amplitudes
on the order of 10 km s~! (combining the radial, azimuthal, and
longitudinal components of the total velocity vector; De Ridder
2001). Owocki (2005) shows that the velocity needed for ejec-
tion into the disk is AVy, = Verit — Vior. For a weak atmospheric
process such as NRPs, the atmospheric sound speed a ~ 12 kms™!
must be comparable to AV. If we assume that the stars have
Viot = 0.95Vit, then AV, ~ 20 km s~!, highly comparable to
a and the observed pulsation velocities in other NRP stars (De
Ridder 2001). As we show above, this assumption of near crit-
ical rotation is reasonable for most of the Be stars in NGC 3766.



EsTIMATED SizEs or Be Star Disks

TABLE 4

HID Assumed i log po Mg AMgig/ At
MG ID —2,450,000 VIV it (deg) (g cm™) Riis/R, 107" M) 107" M, yr 1
M 2) 3) ) 5) (6) @) ®)
25 e 2720.825 0.7 64.9 —12.2 23 41.9 ...
3403.79 —12.1 2.5 443 13
3870 —12.3 1.6 30.6 -10.7
4120.664 —12.0 3.8 66.1 51.7
4129.743 —12.0 3.7 63.7 —92.7
4216.493 —12.0 33 57.5 —26.3
4225.66 —12.1 3.1 54.7 —110.0
4260.635 —12.1 3.0 53.0 —17.8
3 OO 2720.744 0.7 40.5 —12.1 25 19.8 ...
3403.79 —122 2.1 17.2 —14
3870 —12.0 3.0 24.6 5.8
4120.677 —11.9 3.7 314 9.9
4129.771 —11.9 4.1 35.0 142.4
4216.512 —11.9 4.1 35.7 33
4225.66 ... ... —~11.9 42 35.9 6.7
7 2719.557 0.7 40.8 —11.8 45 723 ...
3403.79 —11.8 4.4 70.3 -1.1
3870 —11.8 4.4 70.2 0.0
4133.656 —11.9 42 66.3 —54
4225.66 —11.9 4.1 64.1 8.8
4281.495 —11.9 4.0 61.7 —15.7
4309.466 .. ... —11.9 3.9 59.5 —28.5
T 2719.567 0.7 73.1 —122 25 16.7 ...
3403.79 —12.0 3.5 23.0 3.4
3870 —12.1 26 17.5 —43
4120.711 —12.1 33 21.5 5.8
4225.66 —12.0 3.7 24.3 9.9
4308.554 .. ... —12.0 3.9 25.3 4.1
92 2719.629 0.7 48.9 —12.1 2.7 50.4 ...
3403.79 —12.1 2.6 49.1 -0.7
3870 —12.1 2.5 47.0 -1.7
4133.668 —12.1 23 43.9 —43
4225.66 —12.2 2.3 43.4 -1.9
4281.510 .. ... —12.1 2.5 473 259
127 oo 2719.759 0.8 80.1 —11.9 5.6 30.7 ...
3403.79 —11.9 52 28.5 —-12
3870 —11.9 5.0 27.4 -0.9
4133.680 —11.9 5.0 27.6 0.3
4225.66 —11.9 53 29.1 5.8
4281.524 —11.9 53 29.2 0.9
4309.495 .. ... —11.8 6.1 33.8 59.9
130 3403.79 0.7 63.5 —12.1 3.0 11.9 ...
3870 —12.3 1.8 7.7 -33
4120.750 —12.2 22 9.0 1.9
4225.66 —122 2.1 8.7 —1.1
4281.540 .. ... —12.2 2.1 8.8 0.6
139 2720.796 0.9 50.6 ... 0.0 0.0 ...
3403.79 —12.3 1.8 1.7 0.9
3870 —122 23 22 0.4
4120.770 —12.2 22 2.1 —0.1
4216.632 —122 22 22 0.0
4225.66 —12.2 23 22 0.0
4281.572 —123 1.8 1.7 -32
196, 3870 0.7 33.5 ... 0.0 0.0 ...
4225.66 .. ... —12.1 26 15.0 15.4
198 2720.658 0.7 69.9 —11.9 5.0 253.4 ...
3403.79 —11.9 49 248.9 —24
3870 —11.9 47 238.7 —8.0
4133.732 —11.9 47 239.5 1.1
4225.66 —11.9 47 238.9 —24
4281.589 —11.9 47 237.8 -7.1
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TABLE 4— Continued

HID Assumed i log po Myisk AMygig /At
MG ID —2,450,000 VIV it (deg) (g cm™) Rais/R, (107" My) 1071 M yr Y

M 2 3) ) (%) (6) @ (®)
200..c.eeeeeiereeeereeeeerns 2720.637 0.7 46.2 —11.8 438 9.9 ..

3403.79 —11.9 4.6 9.4 —03

3870 —11.9 43 8.7 —0.5

4133.741 —11.9 43 8.8 0.1

4225.66 —11.9 44 8.9 0.4

4281.599 —11.9 45 9.1 12

To compare the NRP velocity with the outflow velocity re-
quired to fill the Be disks, we use the equation of mass continuity
for an equatorial outflow with velocity v;.¢q,

. AMdiSk/Al
o(r) = e (8)
where the surface density of the disk is
o(r) :/ o(r, z)dz. 9)

Since we remove the vertical dependence of the disk density by
using its surface density, this method effectively assumes that all
of the material leaves the star through a cylindrical surface of ar-
bitrary height. For a disk reaching down to the stellar surface, the
mass must flow across this surface, so we use the surface density
at the stellar surface, o(R.q), in the continuity relation. Since the
¢ = 2,m = +2 modes have the greatest pulsational amplitude at
the stellar equator, where the effective surface gravity is also a
minimum, it is reasonable to expect the majority of the disk ma-
terial to be ejected from the equator in the NRP model. The ob-
served disk formation rates are generally AMyig/At = 10712 to
107" M, yr~!, with py = 10-12 g cm~3 from Table 4. This im-
plies a very slow surface flow on average, v, ¢q ~ .01-0.1 km s7L
However, a few observations reveal that the surface flow can be an
order of magnitude faster, but this is still consistent with NRPs.
Likewise, we use our observed disk densities to demonstrate
that NRPs are a capable source of angular momentum, L, for
disks. The rotational inertia, /, of a thin disk shell is given by

(10)

and the total angular momentum of the disk, extending from the
stellar surface to 100R,, is

I(r) = 27’ o(r)dr,

100R,
L= /R 1(r)w()dr,

eq

(11)

where w(r) = (GM,)*3r~ 1 is the angular velocity of a Keplerian
disk. We find that L ~ 104 -10* g cm? s™! for the observed
disks, with AL/At ~ 102-10%¢ g cm? s~2. Osaki (1986) shows
that the angular momentum flux in the equatorial plane due to
NRPs with ¢ =2, m = £2 is given by

dL

= 27R3, 0 (Reg) Ak sin 6. (12)

Here A and 24k are the radial and azimuthal amplitudes of pul-
sation, respectively, and 6 is the phase shift between the two ve-

locity components. Thus, we find that a small azimuthal pulsation
with 24k ~ 0.01-0.1 km s~! can, in principle, provide enough
angular momentum to eject material into the observed disks, and
both the radial and azimuthal amplitudes are highly consistent
with the observed pulsation amplitudes of other B stars with
NRPs (De Ridder 2001).

Our results suggest that the NRP may be a transitory phenom-
enon for the Be stars, and the disks may fill substantially during
short periods of surface activity. Evidence for changing pulsa-
tional modes among several stars in NGC 3766 has been observed
by Balona et al. (1991), van Vuuren et al. (1988), and Balona &
Engelbrecht (1986). They found periodic light-curve variations
in several Be stars in NGC 3766 (our stars 47, 92, 133, 154, and
200). Additional Be stars (98, 130, 198) also exhibit light-curve
variations that are possibly periodic. In several cases the shapes
and possibly periods of the light curves change with timescales
of only a few weeks. Balona et al. (1991) argue that this is due to
magnetic fields, but the light curves are not qualitatively similar
to variations observed in other magnetic stars, such as the pro-
totype o Ori E (Oksala & Townsend 2007). The changing light
curves among NGC 3766 members are probably more consistent
with changes in active pulsation modes over short timescales.

8. CONCLUSIONS

Our spectroscopic analysis of NGC 3766 has revealed that Be
stars may be much more common than we originally thought. In
our photometric study of NGC 3766 (McSwain & Gies 2005b)
we found up to 13 Be stars (5§ definite, 8 uncertain) out of an
expected 191 B-type stars, not counting the 1 Be star that satu-
rated our photometry. The new total of 16 Be stars is 23% greater.
Among these 16 Be stars, 2—5 of them appear to have almost no
disk at any given time, and an additional 2—4 have extremely subtle
emission in their Ho line profile that could easily be mistaken for
other phenomena (such as NRPs manifesting themselves as bumps
moving across the line or SB2 line blending). Therefore, 25%—50%
of the Be stars may go undetected in a single spectroscopic ob-
servation, and photometric snapshots are even less likely to discern
such weak emitters. We note four stars (27, 45, 49, and 77) that were
found to be possible or likely Be stars in the photometric study by
Shobbrook (1985, 1987), but they never showed emission during
our observations and thus remain unconfirmed. The existence of
transitory, weak disks (especially stars 130 and 196) could mean
that many more Be stars are waiting to be discovered.

For our total sample of 48 southern open clusters in our pho-
tometric survey, we found a low Be fraction of 2%—7% (McSwain
& Gies 2005b). Considering the very weak disks that are observed
in NGC 3766 and the exceptionally high variability among the
cluster’s Be population, the total fraction of Be stars could be
much greater. We are currently performing a similar spectroscopic
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study of several other clusters from our survey, and we will ad-
dress those results in a future paper.

While the Be stars of NGC 3766 are not distinguishable from
normal B-type stars by their evolutionary states, they do form a pop-
ulation of rapidly rotating stars. With two exceptions, their mea-
sured velocities are consistent with a uniform population of rapid
rotators having V' = 0.7 — 0.8V;;. Gravitational darkening and
weak emission in the He 1 lines may mean that these velocities are
underestimated by as much as 33% (Townsend et al. 2004), so the
true Vo is probably at least 0.84 V.. From the measured changes
in the disks’ masses and angular momenta, NRPs are adequate as a
source for the mass flow into the equatorial plane. The pulsations
may be a transitory phenomenon, however, and the variable nature of
the Be stars probably reflects dramatic changes in the surface activity.
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